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PROPAGATION AND DETECTION OF TURBULENCE GENERATED MHD WAVES
IN THE LOWER SOLAR ATMOSPHERE

Stephen J. Mangis

Some basic solar concepts are developed and the
limiting effects of the terrestrial atmosphere upon
solar observations are investigated. Some theoretical
aspects of MHD waves and the frequency spectrum of MHD
waves generated by the hydrogen convection zone are
discussed. The magnitudes of various observable charac-
teristics of these waves are calculated, and there is a
brief discussion of how we hope to observe these
characteristics.

We conclude that the visual changes caused by tur-
bulence generated MHD waves are of sufficient magnitude
to be observed by orbiting telescopes now being devel-
oped, but that more work needs to be done to determine
exactly how and where to observe these changes.

Key Words: Sun, MHD waves, large orbiting telescope.1

1. INTRODUCTION

The Sun has been an object of study since earliest history because
of the immense importance of solar radiation in the everyday life of
man. In the twentieth century, however, man has come to realize that the
Sun is important for far more than its light and heat: the Sun is of
great intrinsic interest as the only nearby star, and one which may
therefore help unlock the secrets of the universe; the Sun has a great
effect on the planets, and in particular on Earth and the human race;
and the Sun can be a very valuable astrophysical laboratory, where
physical processes unattainable on Earth can proceed with ease.

The Sun indeed occupies a unique place in stellar astronomy. It is
the only star on which disk features can be resolved. Spectral scans
from disk center to limb yield information that allows determination of
temperature and density gradients in the lower atmosphere. This model
solar atmosphere is then available for use as a standard against which



atmospheric and spectral line observations of other stars can be compared.
Stellar activity cycles can be studied in detail only on the Sun.l*
Also, the Sun is a stable, main sequence star2, and as such serves as
a standard for stellar photometry and spectroscopy. In addition, if
one assumes that He and D abundances have remained essentially constant
in the solar atmosphere since the birth of the Sun (Brandt, 1966),
determination of these abundances could give a fairly accurate model for
relative abundances immediately following a 'big bang" creation of the
universe.

Knowledge of the Sun not only contributes to our understanding of
stellar physics, but to our understanding of planetary physics as well.
Solar radiation causes dissociation, excitation, and ionization of

atoms and molecules in planetary atmospheres, produces ionospheres,
maintains planetary heat budgets, contributes to escape of atmospheres

from the planets, is largely responsible for climate, and controls vir-

tually all life forms as we know them. Solar particle fluxes affect
planetary ionospheres and magnetic fields, produce aurorae, and fill

the interplanetary regions.

Solar-terrestrial and solar-biological relations are, of course, of
prime importance. Recent evidence indicates that geomagnetic storms
induced by solar activity may affect long range terrestrial weather
patterns, and statistical evidenced is beginning to suggest that geo-
magnetic storms may also have profound biological impact. Man in space
is veritably at the mercy of unusually energetic solar activity, as the
events of August 19724 so dramatically indicated. During solar maxi-
mum several series of events, each as energetic as those of August
1972, may occur per year, so that manned space flights may have to be
timed to coincide with the low periods in the solar activity cycle.

In addition, communication by electromagnetic radiation is strongly
affected by highly energetic solar events.

That the Sun can be a valuable astrophysical laboratory has been
evident ever since Janssen's discovery of helium5, and Edlen6 has used

coronal emissions to precisely determine otherwise inaccessible atomic
parameters. The temperatures, densities, and path lengths found on the

Footnotes appear in Section 5«



Sun favor many plasma and magnetohydrodynamic processes that are difficult
if not impossible to duplicate on Earth. If it were possible to observe
such processes in sufficient detail, progress might be made toward such
pressing problems as controlled use of nuclear fusion.

1.1 Atmospheric Limitations

Unfortunately, it is not possible to study many solar phenomena
in sufficient detail from ground-based observatories because of the
perturbing effects of the terrestrial atmosphere. Of the total solar
flux falling on the terrestrial atmosphere, an average of 40 percent is
reflected back into space. Of the 60 percent which does penetrate into
the atmosphere, another 15 percent is absorbed, so that only about 45
percent of the incident solar flux reaches the ground. The atmospheric
gases effectively block all solar radiation shorter than about 29003,
and it is this part of the ultraviolet and X-ray spectra that contains
the resonance lines7 of most elements; that is emitted by the transition
region8; that contains many of the strongest coronal lines; and that
contains the largest variations of radiation flux with activity. This
part of the spectrum has been explored somewhat by the ATM experiments
on board SKYLAB, and by the VELA, 0SO, and Solrad satellites.

In addition to absorbing short wavelengths, the Earth's atmosphere
is also responsible for severely distorting images in those wavelengths
it does allow to pass. The best practical resolution for ground-based
observations is about 0.5 arcsec for photographs and 0.8 arcsec for
spectra, although this limit is achieved only rarely and only with the
best seeing.

The X-ray and very short ultraviolet components of the solar
spectrum are absorbed in the upper atmosphere, chiefly because of
ionization of 02 and N2 leading to 02, N2, and 0 . Owing to mixing,
the ozone forming reaction

0 + 02+ 02+ 03+ 02



can then take place, and an ozone layer is built up. It is this ozone
layer that effectively blocks all radiation shorter than about 2900A.
The terrestrial atmosphere also restricts transmission at the in-
frared (IR) end of the spectrum. Ozone absorbs in narrow bands cen-
tered at 9.6, 4.7, and 14.2y. Carbon dioxide in the atmosphere is a
powerful absorber of IR, in narrow bands at 2.7 and 4.3y, and from
13 to 17y. Water vapor is the strongest IR absorber in our atmosphere,
with strong absorption bands centered at 1.4, 1.85, 2.7, and 6.3y, and

a wide rotational band9 from 14y to 1 mm. Figure 1 shows the severe
distortion of the solar spectrum due to terrestrial atmospheric absorp-

ion.

He Scattering in the terrestrial atmosphere is also a great problem to
solar observations, especially observations of the corona. As shown in
figure 2, the intensity of the clear blue sky is greater than almost all
coronal emissions. This blue sky is a consequence of Rayleigh scatter-
ing, that is, scattering of incident solar radiation by small particles
in the Earth's atmosphere. Rayleigh scattering is also unfortunate in

that it induces an unwanted polarization factor.

.-Energy curve for blackbody at 6000K

“# Solar energy curve outside atmosphere
)\ Solar energy curve at sea level

Wavelength, microns

Figure 1. Spectral energy curve of the Sun at
sea level and outside the atmosphere
after Brandt (1966).



In addition to absorbing and scattering solar radiation, the

atmosphere severely distorts the radiation that it does allow to pass.

To understand this process we start with Snell's law

ysine = constant

where u = refractive index, 0 = angle of incidence.
Differentiating, following Menzel (1961)

dv/ly = delny = cotede

We know that for any function a function of x,y, and z only)

Mdx + |Z=dy + ¥ dz

Pure_b!ue_ sky

Kmax

Sky at
midtotality

Figure 2. Relative intensities of the components
of the coronal spectrum compared with sky

brightening after Brandt (1966).

(1)



and if d™ is an element of an incident ray
dip = ds/V™ = |Vip! dE cose

If we let = Iny then (1) shows that the incident ray suffers a deflec-
tion de such that

de = -tane ds" * viny = -sine ¢ |viny|ds_ . (2)
Equation (2) is general, since the refractive index is free to vary
from point to point and viny may change continuously in magnitude and

direction. Now, we also know that the refractive index of a gas is
given by Ingard and Kraushaar (1966)

u=1+ (Q - Dg
U -1)= (2875 + 1™+ x 106
0 X2 X4

where q is the ratio between the actual density and the density at STP
(760 mm Hg and 273°K) and X is in microns. This quantity does depend on

wavelength, but only in the second order terms. We can therefore see,
from (1) and (2), that, for a given wavelength, the deflection depends on
the atmospheric density gradient; this is composed of a systematic and

a fluctuating component.

The systematic component is due essentially to the variation of
density and temperature with height. If we consider for a moment path
lengths short compared with the radius of the Earth, to allow us to
ignore Earth curvature (permissible since most of the density gradient

occurs near the surface), then we can assume a plane parallel atmos-
phere. If z is the vertical coordinate then Snell’s law gives

da = ds )
where a = angle between light ray and the vertical.
Since y is close to unity Iny can be expanded in a McLaurin seriesl0

Iny = (yQ - Dqg



and
T T=Il«o- 1) af = -a(*,,-l1)e-ah (4)

where h = height.
Since we are restricting ourselves to small path lengths and there-
fore small deflections we can integrate (3) and hold sina on the right

constant:

Aa = -sina |

where Aa = deflection for total path length 1.
Substituting into (4)
Aa = a(pQ -1)e"ah(sina) !

This expresses the deflection in radians. Putting in numbers and convert-
ing to seconds of arc (1 rad - 206265 arcsec), we have

Aa = 6e 1 sina arcsec

where h and | are in km. For a path length of, say, 100 m at sea level

Aa = 0.6 sina

The maximum deflection occurs for sina = 1 (horizontal rays) and amounts
to about 0.6 arcsec. Since we have considered only short path lengths,
deflection due to the systematic component of the density gradient will
be greater than 0.6 arcsec for all but the most exceptional cases.

To this effect must be added the effect of the fluctuating component
of the density gradient. This is due to local heating and cooling, wind
turbulence, weather effects, and the like. A mass of hot or cool air can
give rise to much greater deflection than the systematic conditions des-
cribed above.

Since air is compressible, only momentary pressure changes will
result from local heating and cooling. The chief effect will be a
density change, and for isobaric conditions we have



where p = density, T = temperature.

Since temperature and density will change along a light ray travers-
ing this mass of air, the refractive index will also change. Applying
the theorem of the meanll to (1),

COt3A0 = —
M
(Here we have changed from differentials to finite differences; this is
valid for small increments.) AG is the total deflection and Ay is the
variation in refractive index from the mean (systematic) value. 8 is
the average value of the angle between the light ray and the direction
of the density gradient. Since the mean value of cote over a hemisphere
is 1, we have
- (»,-Hh ™
y rOP
and N -(Mo-i)\ AT

so the expected deflection is

IAel = (Pg"1)

For example, if AT=30°C, T=15°C, and C=283°K, then AT/T-0.1 and
AG=0.00029 x 0.1 x 206265=6 arcsec.

This temperature difference is fairly extreme, so a more commonly
encountered deflection may be more of the order of 4 arcsec. It should
be remembered, however, that this is due to a single deflection. In
traversing the atmosphere, a ray will undergo many successive deflec-
tions. If there are N deflecting elements in the path, the total de-
flection will be of the order N2 times the magnitude of an individual
deflection. (This is the random walk problem; see for example, Feyman,
1963.) For, say, 10 such elements, each deflecting 4 arcsec (extremely
poor seeing), we have a total of some 12 arcsec deflection. The



inevitable result is that the image of a point source will be blurred or
will shimmer, and explains why seeing at proposed observatory sites must
be carefully studied.

Weather also contributes to atmospheric limitations. Various synop-
tic observation programs have the scales of hours, days, or even weeks,
depending on the solar feature whose development they are trying to trace.
Clouds and weather systems of course severely limit the ability of
ground-based observatories to carry out such observations.

Since even high flying balloons are limited to about 0.2 arcsec
resolution (Nat. Acad. Sci., 1966), the obvious solution to the problems
imposed by atmospheric restrictions is to place solar telescopes above
the atmosphere, in Earth orbit. This was done on SKYLAB with great suc-
cess. Unfortunately, to date no high resolution systems capable of taking
full advantage of the complete lack of atmospheric distortion have been
orbited. There are, however, many unanswered questions in solar physics --
including MHD wave propagation — that demand the higher resolution avail-
able only from an orbiting telescope. Before going into the physics of
MHD waves, however, it is appropriate to examine in a general way the
structure of the solar atmosphere and the processes that give rise to
hydrogen convection zone turbulence.

1.2 Convection Zone Turbulence

All of the energy that is eventually released at the solar surface
was originally liberated in the solar interior by fusion processes. Two
such processes are thought to be important — the carbon cycle and the pro-
ton-proton chain. In the carbon cycle, 4H! are transformed into the IHe4
with Cl12 acting as a catalyst:

+

Cl2 + H + N13 + vy
N13 -> cl3 + e+ + neutrino

Cl3 + Hl + N4 + vy

N14 + Hl -> 015 + vy
Qis > Nis + e+ + neutrino

He4

+

N3 + H3 ™1 C32



In the proton-proton chain, 4H! are again transformed into IHe4,

but by a different route:
HL + HL » D2 + e+ + neutrino
D2 + H1* Hed + Y
He3 + Hed -* Hed + Hl + HI

The total energy released per He atom formed is roughly the same for each
process (4x10-5 erg versus 4.3x10™5 erg), but each process reacts quite

differently to temperature. For the temperature believed to exist in the
core of the Sun, the proton-proton chain is dominant, but both are impor-

tant (see fig. 3).
The energy liberated in the core travels outward by radiation. Tem-

perature, pressure, density, and the average energy of a photon all de-
crease with increasing distance from the center. Photons are absorbed and
re-emitted many times as they diffuse outward, and in this way the gamma
rays generated in the core are changed to X-rays, then XUV rays, UV rays,
and finally to visible light. At about 0.86R, the temperature and density

Carbon cycle

Red dwarf

Proton-proton

log T

Figure 3. Energy liberation rates as a function
of temperature for stellar conditions? after
Brandt (1966).
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structure is such that the gas has become unstable to convection, so some
energy is transported outward from this point by turbulent convection.

This convection layer arises because the prevailing temperature has
by this point become much lower than that in the core. Because of this,
a significant fraction of the free electrons in the gas are moving slowly
enough that they can be captured by hydrogen nuclei to form atoms. This
increases the opacity of the gas, and, since photons are more easily ab-
sorbed by the atoms, the resistance to radiation diffusion is increased.
As a result the temperature gradient steepens, which leads directly to
the Schwarzschild instability criterionl2 being satisfied.

As density, temperature, and pressure continue to decrease (moving
outward) a layer is finally reached where a photon emitted outward has
only a small probability of being reabsorbed or scattered, and in fact is
more likely to escape into space after passing through the essentially
transparent overlying atmosphere. This layer is called the photosphere
and is the lowest layer of the solar atmosphere to which we can see.

1.3 The Solar Atmosphere

1.3.1 The Photosphere
The photosphere has an effective temperaturel3 of only about 5780°K.

Since the Sun is in hydrostatic equilibriuml14, the scale heightl5 is small
and the density, moving radially outward, decreases rapidly. The nega-
tive hydrogen ion (H~) density therefore also decreases rapidly, and,
since H" generates most of the absorption and emission at visible wave-
lengths, the radiation we see comes from a thin layer only some 100 km
thick. As this is only 0.014R, the visible Sun appears to have a very
sharp limb, as opposed to the radio or X-ray Sun. The region called
the photosphere is generally defined as being about 500 km thick and
radiates almost all the energy emitted by the Sun. It is probably no
accident of molecular evolution that almost half the solar energy reach-
ing Earth lies in the wavelength range to which our eyes are sensitive
(see fig.l).

Photons of all energies are emitted by the photosphere; a true
white light spectrum is generated. However, if the energy of a photon in

1



the white light spectrum is close to an electron transition energy of one
of the elements in the solar atmosphere above the photosphere, the photon
stands a greatly increased probability of being absorbed and re-emitted
at a different frequency, in a different direction, or both. The result
is that we do not see a true white light spectrum, but rather a spectrum
that includes absorption linesl6. Since radiation from off line center
will have a lower probability of being absorbed, we can effectively see
to various layers in the solar atmosphere by studying various wavelengths.
If, however, we choose to study the Sun in white light, without any
special filters restricting us to narrow wavelength ranges, many beauti-
ful and intriguing photospheric phenomena immediately become apparent.

The most intriguing of the photospheric features, and one which has
puzzled men since the time of Galileo, is sunspots. Sunspots are large,
dark spots (fig. 4) that appear and disappear at unpredictable places and
times on the solar surface, and are closely related by as yet unknown
mechanisms to large, energetic chromospheric solar eruptions known as
flares. Sunspots can be many times larger than the Earth and may per-
sist for as long as several months.

Granulation is another photospheric phenomenon, but one which is much
smaller than sunspots. Granulation is thought to be a manifestation of
convection from the hydrogen convection zone. Resembling a layer of corn
kernels, the observed granulation pattern really consists of the tops of
convection cells which bubble up from beneath the photosphere, radiate
away their excess heat, and then sink back beneath the surface. Average
cell lifetime is about 10 min, but since their average diameter is about
1800 km (2 arcsec) (Gibson, 1973), it is impossible to study these cells
from the ground without excellent seeing.

Larger cells, called supergranules, have also been observed. These
are about 18 times as large as granules, persist about 120 times as long,
and are thought to be strongly connected with the chromospheric network
(see fig. b5).

12



Figure 4. White light photograph of
the Sun showing sunspots.
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Chromosphere

Enhanced magnetic field
(chromospheric network)

Photosphere

Ve Flow

Convection zone

Figure 5. Supergranular flow and enhanced magnetic
field strength in the chromospheric netti)ork3
after Gibson (1975).

1.3.2 The Chromosphere
Immediately above the photosphere lies the chromosphere. Like the

photosphere, the chromosphere has a negative density gradient, but unlike
the photosphere, the chromospheric temperature increases radially outward.

Within the approximately 3000 km width of the chromosphere the tempera-
ture increases from roughly 4300°K to nearly 106°K at the base of the

corona.
Chromospheric heating is thought to be caused by dissipation of

energy carried upward by sound and magnetohydrodynamic (MHD) waves gen-
erated in the rather turbulent photosphere. Gibson has likened the
chromosphere to a *‘froth on top of the turbulent and relatively dense
photosphere.” If supergranules sweep flux tubes to their boundaries

as has been suggested, then these flux tubes would extend up into the
chromosphere and magnetically couple this region to the turbulence in
the photosphere and convection zone.

In spite of the dynamic character of waves bursting upward through
the chromosphere and depositing large amounts of energy there, observa-
tions of this region indicate structurally complex phenomena that can
be rather stable, e.g., the fibril patterns seen in H-alphal7 around
action regionsl8. This stability is due largely to the low material

14



density. The Kinetic energy of fluid motion is small compared with the
magnetic energy density, so the magnetic fields can effectively constrain
particle motion. Figure 6 shows an example of chromospheric fine
structure.

The boundaries of supergranules are also of interest because it is
from these areas that brilliant jets of luminous gas, called spicules,
shoot upward some 10,000 km. Spicules, which have a lifetime of 2 to
5 min and a diameter of about 800 km (or about ! arcsec), may well be
a primary mechanism for the flow of energy and material into the corona.

1.3.3 The Corona

The corona is a very tenuous halo that extends outward from the
chromosphere to well beyond the radius of the Earth's orbit. The white
light coronal spectrum can be broken down into three components. The K
corona (from kontinuierlich, German for continuous) is caused by photo-

spheric emission scattered by coronal free electrons and makes up most of

Figure 6. H-alpha photograph shewing chromospheric fine structure.
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the coronal intensity out to 1.3R (Gibson, 1973). The F corona is due
to photospheric radiation being scattered by heavier, slower particles
between the Earth and the Sun. Fraunhofer lines do not appear in the K
corona because the Doppler shift given the protons by rapidly moving
electrons is large enough to smear out the line profiles, whereas heavier
particles contribute much smaller Doppler shifts so the F corona does
exhibit Fraunhofer lines, although somewhat degraded. The E corona is
the final component and is due to high temperature emission lines from
coronal ions.

The average coronal temperature is some 1.6x106°K, and the corona
is therefore essentially a fully ionized plasma (except for heavy ions).
The number density is of the order of 3x108 c¢cm-3 (at about 1.1R), which
leads to a "'self collision frequency” (after Spitzer, 1962) of yg =
11/sec for electrons and yp = 0.3/sec for protons and a mean free path
of the order of 108 cm for both electrons and protons. The plasma
frequency (to = 4irne2/me)i is about 109 sec-1 and the corresponding Debye
distancel9 is about 0.5 cm. Assuming a magnetic field of 4 gauss, the
gyrofrequency and gyroradii for electrons are 0.7x108 sec"l and 12 cm,
respectively, and for protons are 0.4xI05 sec-1 and 5.2x103 cm.

One result of coronal high temperature worth exploring in detail
because of its relevance to MHD waves is that the magnetic field lines
are frozen into the plasma. The electrical conductivity of a fully
ionized gas is on the order a = ne2/meye, and an approximate value for X,
the decay time of an electrical current system in the corona, can be
found by dividing the energy density in the magnetic field (B2/8tt) by the
rate of Ohmic dissipation20 j2/a. Since j = cB/4tl (L is a length charac-
teristic of the system), we have x = 4iraL2/c2. For L = 108 cm, x = 3x105
years, so for observable changes the corona can be considered an ideal
conductor. Therefore, Ohm's law can be written (using gaussian system
for clarity; later in the paper we will use cgs for ease of computation)

0=i/a=E+ (vc) xB

16



Also, from Maxwell's equations we have
IXE=-IT :

SO i} .
—-itH=-wvx (fxi) ,

or

9B _ _
3t - Vx (vxB ,

which says that the magnetic flux ¢ through an area S is conserved, as
we will now prove.

Now, ¢ =/ + dy. The rate of change of ¢ with time is due to, first,
the surface S moving to S' because of fluid motion, and second, a change
of B with time. These are, respectively, - j§ B8+ (d_x v) (the flux

*X
that passes through S but which escapes out the "sides™ and doesn't pass
gY « dy. Using Stokes' theorem2l, we have

g-m rya—i

dt (vxB) «ds =0.

In other words, the flux through the walls of a magnetic tube of force
is always zero, that is, the field is ''frozen into" the plasma. We also
know that the ratio of gas pressure to magnetic pressure is

g = - , S0, assuming a general field of 4 gauss and the values of n
B2/8it

17



and T given above, 3 » 0.2. We can therefore conclude that the coronal
plasma is effectively constrained by the field.

2. MHD WAVES
2.1 Theoretical Considerations

In the introduction we briefly discussed the convection zone and
the various layers in the solar atmosphere and showed that the terrest-
rial atmosphere has a severe distorting effect upon the solar spectrum
and, therefore, upon our understanding of the ongoing processes in these
various layers. In this section we will examine one process common to
all layers in the solar atmosphere and will suggest how to study this
process in spite of its small-scale manifestations and the perturbing
effects of the terrestrial atmosphere.

The process we have chosen to single out from the many which deserve
high resolution study is the propagation of magnetohydrodynamic waves
generated by convection zone turbulence. MHD waves are of importance in
solar studies for several reasons. First, MHD waves in the Alfvdn mode
may be responsible for the generation of high speed streams in the solar
wind (Hollweg, 1972a). These high speed streams probably are important
in causing geomagnetic disturbances and also may heat the upper terres-
trial atmosphere and play a part in determining Earth weather patterns
(Wilcox, 1973a,b). Also, Alfvdn waves have been observed in the solar
wind (Belcher and Davis, 1971), and further observation and study could
identify the source of these waves in the solar atmosphere. In addition,
MHD waves are difficult to study in simulated environments, and study
of these waves in the Sun could well contribute to our understanding of
MHD wave propagation in perfectly conducting, inhomogeneous plasmas
(Hollweg, 1972c) which are typical of astrophysical problems but which
are difficult to simulate in the laboratory. Perhaps of greatest sig-
nificance, however, is the role MHD waves play in heating the solar
atmosphere.  Osterbrock (1961) has shown that this effect may be quite
important and has estimated the possible energy dissipation for a mag-
netic field of 2 gauss, as shown in table 1.

18



Table 1. Energy Dissipation in the Solar Atmosphere
For a Magnetic Field of 2 Gauss.*

Height (km) Area I(Eenregr?cymZ—sec) Mechanism
100,000 Inner corona 2 x 104 Slow mode shocks
2500 Upper chromosphere 8 x 105 Fast mode waves
1000 Middle chromosphere 6 x 106 Fast mode waves
500 Photosphere and
low chromosphere 2 x 107 Fast mode waves
0

* From Osterbrock (1961).

We turn now to the mechanics of MHD wave propagation. It has been
shown that various wave modes propagate in plasma environments (Alfvdn

and Falthammar, 1963), and this discussion will consider the general

case of wave motion in a stationary, compressible, uniform gas of infinite
electrical conductivity permeated by a uniform magnetic field which is
inclined with respect to the direction of wave propagation. Assume a
plane wave propagating in the positive z direction and a magnetic field

Bg inclined at an angle e to the z axis and lying in the y-z plane

(see fig. 7). The components of B along the axis are than 0, Bg sine,

Bq cose. If we let dp and dp be the variations in local density and
pressure due to the wave, then the linearized equation of motion is

(in cgs system)
p0 f£ = - v(dp) + (v x b) x ™, (A)

where " is the variation in the magnetic field due to the wave and \Ms
the fluid velocity. If we further assume an adiabatic regime, the
variations in pressure and density are related by

yPOdp
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WAVEFRONT

Figure 7. Plane wavefront propagating along the
z axis. Uniform magnetic field B .

where y is the ratio of specific heats and C is the sound velocity in

the gas. Substituting in A for dp yields
po le+ C2 -~dp) “ ~ (vx b) x ™~=0
Now, in this regime the (linearized) equation of continuity is
+PVev=0 |,
and the equation for conservation of magnetic flux is

J-Ix<x(Cvsxy =0

Assuming that all variables depend on z and t only, the Maxwell

(B)

(D)

relation

div b = 0 immediately yields bz = 0. Breaking (D) and (B) into their

components likewise yields
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(BO cose) Wy (DI)

ot
gb 9V.
Jt—* <Bo cose) Tz - B0 <sln6 (D2)
9z
. cose
9-[ = (Br oz (B)
9vy _ 9
p —X-= (B cose.
9t "o y 9z (B2)
at 9z (B3)
and (C) gives
iiNM+yp !z
ot PO 9z = 0 (@)

Combining (DI) and (BI) shows that bx and v, both satisfy

B cos2e 2
G - z22) <\W\V = ° (E)
@2
This is more typically written with
B2 cos2e
_VI-D-,,-----_ V22— nACOSZG

where is called the Alfvdn speed.

Combining (D2), (B2), (B3), and (Cl) allows us to determine the re-
maining variables v , vz, b , and d. If we consider harmonic waves with
frequency j/2-t and wave number Kk, then all variables go as exp{i (cot-kz)},

and this mathematical formalism allows us to replace the operators 9/9t
and 9/9z with iu and -ik. We then obtain (Ferraro and Plumpton, 1966)

(kBQ cose)vy - (kBQ sine)vz + wby = 0,
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\/VZ + - ] by - kC2 dP = 0 ,

kv + wdp = 0 .
Ps VZ wap
Eliminating ratios and combining yields the frequency relation

- <VA + C2)(F 2+ VA C2 cos2e = 0 + (F)

Since co/k is the phase velocity, we define w/knll and rewrite (F)
Ud - (V2 + C2)U2 + V2 C2 cos2e = 0 (FI)

which can be rearranged as
(U2 - C2)(U2 - V2) = C2 V2 sin2e . (F2)

There are four solutions to this equation representing two modes. The
case ¢ = 0 is degenerate with the Alfvdn mode given by (wave) eq. (E).
For ¢ = w2, we have U = = {(V*2+ C2)}*, which represents a magneto-

acoustic wave propagating perpendicular to the magnetic field.
When e has any value other than 0 or w2 one root, U| will exceed

the greater of C2 and V*2and the other root, will be less than the
smaller of C2 and V~. The former is called the fast mode and the latter

the slow mode.
The relative velocities of Alfvdn, fast, and slow modes can best be

understood by a Friedrichs hodograph. Figure 8 shows two cases, < C
and > C. In these diagrams, vector ov®, drawn from the origin to a
point on one of the curves, represents the velocity and direction of
propagation of the wave, the angle ¢ being the angle between the direc-
tion of Bg and the direction of propagation. The three-dimensional
case is represented by rotating each figure about the axis through the
origin and in the direction of BQ.

Before going further it is appropriate to consider the character-
istics of each of the four wave modes.
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Fast wave Fast wave

Alfven
Alfven

Figure 8. Friedrichs diagram (hodographs) for the two cases
< Cand V* > &3 after Ferraro (1966).

2.1.1 Magneto-Acoustic Mode
The magneto-acoustic wave arises when the velocity of the particles

is in the direction of wave propagation and perpendicular to the
magnetic field. In this case the magnetic pressure B2/2y must be added

to the gas pressure P. The total pressure is then = PQ + B2/2y
and the wave speed is therefore

dP. B2
cT = - @3F (Po {C2+ —33 = {2+ var

2.1.2 Alfven Mode

The Alfvdn mode is considerably different. Substituting the velocity
cose back into our full set of differential equations we find for the
changes in flow properties across the wavefront
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dB.
{4tP} 2
dp = dp = dB dyy =0

dv = ¢
and

dv_

We see that this type of wave is purely transverse, since dvz is zero.
This means that (to first order) there is no change in pressure or density.
Further, since the change in the magnetic field is perpendicular to the
original field there is again, to first order, no change in the magnitude
of the field but only a change in direction. As can be seen from the
Freiderichs diagram, the Alfvdn mode cannot propagate perpendicular to

the magnetic field.

2.1.3 Fast and Slow Modes

The fast and slow modes are somewhat more complex, their character-
istics being more strongly determined by the strength of the magnetic
field. The velocity of these waves is given by the roots of (F2)

VFSL = h{C2 + VA + [(C2 + VA)2 ' 4C2 VA c0s20]™}

(Osterbrock, 1961). For the case of a very weak magnetic field C » VA
and the fast mode velocity is Vp = C, whereas for a very strong field
C « VA and Vp = VA, In both of these cases the velocity is independent
of the direction of propagation. At intermediate values of the field
strength the velocity is a weak function of direction. The most extreme
variation of velocity with propagation direction occurs for the case

Vit = C - V. Then
Vp = V2 {1 + sine}.

Not only does the velocity of the fast mode vary with direction, but
the nature of this mode also changes. With weak fields the material
motion is longitudinal and the waves are essentially sound waves, whereas
with strong fields the motion is perpendicular to the field and lies in
the plane of Bf and of propagation so that the waves are magnetohydro-

dynamic in nature.
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The slow mode is also affected by the magnetic field strength.
Figure 9 shows that the slow mode cannot propagate across the magnetic
field direction. In addition, for C >» VA (very weak fields) and

C «< (very strong fields) the slow mode can only propagate along the
field. For intermediate fields we again have C = and the possible
directions of propagation lie within a cone of half angle 27° (Osterbrock,
1961). For weak fields the speed is about and the material motion is

both perpendicular to the direction of propagation and in the plane of the
magnetic field. For strong fields the speed is about C and the material
motion is in the direction of the field.

2.1.4 Wave Magnitudes

We next turn our attention to the question of the magnitudes of the
MHD waves generated by convection zone turbulence. Using the work of

1.0 -1.0

Figure 9. Friedrichs diagrams for various values of the sound
to Alfven speed ratio, after Kunkel (1966).
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Lighthin and Meecham, Osterbrock (1961) found that the spectrum of fast
mode waves generated by turbulence in the convection zone is fairly flat,
reaching a maximum at frequency

v0 = ‘ = 1.2 x 10"2 sec-1

where | Is the turbulence scale length and <v2>? is the root mean square
of one component of the turbulent velocity. This vQ corresponds to a
period of TQ = 83 sec. He further found that essentially all the power

generated is included between the frequencies
vmin = KK " °'3 X ,0"2 sec"!

and

vmax 906 - 4.8 x 10-2 sec-i

which correspond to periods of

Tmax " 21 sec

and
T+ = 333 sec
mm

Using the Minnaert and van de Hulst atmospheric density models, Osterbrock
has also calculated the sound and Alfvdn velocities as a function of
height in the solar atmosphere (table 2). Usingthe sound velocity of

6.3 km/sec at the photosphere, our shortest fast mode period of 21 sec
gives a wavelength of some. 132 km, or about 0.18 arcsec as seen from the
Earth. We are of course using the approximationVp = C because at this
level in the atmosphere C >» (table 2). It should be added that,
according to acoustical theory, there is a critical frequency

Ve = 5fttH H = scale height

above which waves are transmitted and below which waves are reflected.
For C=7 km/sec and H = 200 km (see table 3), we find that only waves with
periods less than 332 sec (A<2124 km) penetrate the photosphere and reach
the chromosphere. We see, then, that we can most definitely have fast

26



Table 2. Sound and Alfven Velocities in the Solar Atmosphere. *

: Sound Velocity Alfven Velocity (km/sec)
Height - (kn) (km/sec) Bg=2 gauss BQ=50 gauss
2000 7.4 7.3 181
1500 7.0 2.6 65
1000 6.7 0.82 20

750 6.6 0.41 10.2

500 6.5 0.20 5.0

250 6.4 0.092 2.3

0 6.3 0.041 1.0
-100 6.4 0.025 0.62
-200 6.5 0.015 0.38
-300 6.7 0.010 0.25

*From Osterbrock (1960.

Table 3. Scale Height as a Function of Height in the Solar Atmosphere.*

Height (km) Scale Height (km)

1000 200
500 180
250 170
100 140

0 85
-100 140
-200 113
-300 148

*From Osterbrock (1961).

mode waves of considerably smaller wavelength than can be observed
through the terrestrial atmosphere.

For Alfven waves the case is somewhat different. An Alfvdn
wave propagating in the solar atmosphere will be damped because of two
processes: Joule heating and frictional damping. The former is due
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to collisions of electrons with positive ions and neutral atoms and

the latter is due to collisions between positive ions and neutral atoms.
For an Alfvdn wave propagating in .the direction of the magnetic

field, Osterbrock (1961) gives the distance in which the energy flux drops

by a factor of e-1 because of Joule heating as

(in emu units)
4ir2v2{(c2/4irp) + (B/pP)}
where a is electrical conductivity in emu units sec-1, e is Vviscosity,
and ¢ is the speed of light. The same energy damping length due to fric-
tional damping is

7R — (in emu units)
4it2v2 nTn

where n is the ratio of the mass densities of neutral atoms to ions and
Tr is the average time it takes an atom to lose its momentum in collisions
with ions. The total damping length is then

Osterbrock has calculated x,j and ~™ for v = 1.2x10-2 sec 1, which are
shown in tables 4 and 5. Examination of these tables shows that Alfven
wave damping in the quiet sun (say B = 2 gauss) is very large in the
photosphere and low chromosphere, and that surely any Alfvdn waves gener-
ated in the convection zone would be effectively damped before reaching
the visible surface. However, if we consider a plage or sunspot area,
where a field strength of, say, 50 gauss is quite plausible, circum-
stances change. The Alfvdn velocity will of course be larger, and the
damping length therefore greater, as seen in tables 4 and 5. The result
is that a small fraction, about e'1, of energy flux carried by Alfvdn
waves incident on the bottom of the photosphere will penetrate through
to the chromosphere. Once in the chromosphere, the damping is low enough
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Table 4. Joule Heating Damping Lengths for Alfven Waves.*

: Ci (km)

Height - (km) Bg=2 gauss Bg=50 gauss
1000 2.6x104 4.0x108
500 1.1x1 02 1.7x106

0 5.3X10-1 8.2x103
-100 1.1x10~! 1.8xI103
-200 2.7x10""2 4.2x102
-300 1.4x10-2 2.2x102

= From Osterbrock (1961).

Table 5. Frictional Damping Lengths for Alfven Waves.*

: km)

Height (km) BA:£ gauss Bo=50 gauss
1000 2.5x104 6.2x105
500 6.3x103 1.6x105

0 6.6x103 1.7x105
-100 7.4x103 1.9xI105
-200 3.9x104 9.8x105
-300 1.3x10s 3.3x106

*From Osterbrock (1961).

that the waves will pass essentially undamped to the corona.

Now, the magnetic fields that manifest themselves in plages and sun-
spots must be rooted firmly below the surface. Since the field lines
are frozen to the fluid the convection zone turbulence should then push
field lines about at the same time that fast mode disturbances are formed,
and the resulting frequency spectrum of Alfven waves created by the dis-
placement of field lines should have much the same form as the acoustical
spectrum, specifically:
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<v2>N]

1.2 x 102 sec-1

Vo
me
max

and again TQ = 83 sec, Tmax = 21 sec, Tmin = 333 sec.

Using the velocities from table 2, then, we would expect to have
Alfvdn wavelengths as short as 21 km at z=0 km and 400 km at z = 1000 km.

These are the waves we have good physical reasons to expect might
exist, but what are the smallest Alfvdn waves that can propagate without
being damped out within one wavelength? For B = 2 gauss, damping is,
as we said, very strong. But for B = 50 gauss, we can calculate from
damping lengths that the smallest Alfvdn wave that can propagate is about
T=1sec v=1sec™ ,X=1%knat z=20 kmn height. Here we define a
wave to be propagating if the wavelength is less than the damping length.

The slow mode presents a more difficult case. We know, however,
that in the C > VA limit the slow mode approaches being a purely trans-
verse wave, with speed everywhere nearly equal to the Alfvdn mode speed
(fig. 9). Thus in areas with our assumed field strength of 50 gauss we
might expect to see some slow mode waves of dimension identical to the
dimensions calculated above for Alfvdn waves. (Additionally, Osterbrock
suggests that slow mode waves may be generated in the upper chromosphere
by collisions between the fast mode wavefronts, but a quantitative analy
sis of the slow mode waves thus produced is beyond the scope of this
paper.)

The final mode we will consider is the magneto-acoustic mode, which
propagates perpendicular to the magnetic field with velocity
V = (c2 + Mj)I? The damping length for a sound wave, where we are using
the "kinematic™ viscosity e/p is (Wood, 1955)

? _ 3C2p

n b8tt2v2

Now, from table 2 we can compute the wave velocity V7, which is shown
in table 6. Using our standard frequencies of 1.2xI0-2, 0.3x10 2,

30



Table 6. Acoustic Mode Speed V as a Function
of Height In the Solar Atmosphere

Height (km) C(km/sec) VA Kmisec V'=(C2+V|)  (km/sec)
BO=ZG BQ=50G B =2G BQ=50G

0
2000 7.4 7.3 181 10.4 179
1000 6.7 0.82 20 6.75 21.1
500 6.5 0.2 5.0 6.5 8.2
0 6.3 0.041 1.0 6.3 6.4

and 4.8x10“2 (Jjustified later) we find, with viscosities from Osterbrock,
the damping lengths shown in table 7. We can see that the viscosity damp-
ing length is very large, in agreement with Osterbrock's results for fast
mode waves, and that acoustic waves will propagate essentially unhindered
by viscosity effects. Other dissipative mechanisms that should be taken
into account are Landau damping and stochastic acceleration, but Barnes
(1966) and Sturrock (1966) have shown that these effects are small for
propagation perpendicular to the field.

Using the velocities calculated we can easily obtain typical wave-
lengths for the acoustic mode waves. We can again use the frequencies

Table 7. Viscosity Damping Lengths for Acoustic Mode Waves.

5, for 53 for 53 for
Height y/zp v-1.2x10-2sec-1  v=.3xl0"2secrl v=4.8x!0 2sec“i
(km)  (km2/sec) (km) (km) (km)
1000 7.6x10%4 1.1x108 1.7x109 6.6x106
500 4.6x10-5 1.6x109 2.6X1010 9.9x107
0 2.6x10-6 2.6x109 4.1x1011 1.5x109
above for B,=2 gauss
below for BQ=50 gauss
1000 7.6x10%4 3.2x109 5.0x101° 1.9x108
500 4.6x10-5 3.3x109 5.0x101° 1.9x108
0 2.6x10-6 2.7x1010 4.2xI0L1 1.6x109
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Ve Vo and Vi because we expect these waves might be generated by
turbulence in the convection zone, and Osterbrock's derivation of the fre-
quency spectrum did not indicate any preferred direction. In other words,
we expect that convection zone turbulence might simultaneously generate
fast mode disturbances in the radial direction, along the field, and
acoustic mode disturbances that propagate perpendicular to the field. The
results of our calculations are shown in table 8. As can be seen, the
shortest acoustic wavelength of interest to this study is about 130 km at

the base of the photosphere.

Table 8. Wavelengths for Acoustic Mode Waves
Propagating With Velocity V.

Height x<av0 xevmin A®vmax V'

(km) (km) (km) (km) (km/sec)
2000 863 3463 218 10.4
1000 560 2247 141 6.75
500 539 2164 136 6.5

0 522 2097 132 6.3
above for BQ-m gauss
below for BQ-=50 gauss
2000 1.48x104 5.9x104 3.7x103 179
1000 1.7x103 7.0x103 4.4x102 21.1
500 6.8x102 2.7x103 1.7x102 8.2
0 5.3x102 2.1x103 1.3x102 6.4

2.2 Observable Characteristics

We next consider the characteristics of these wave modes that lend
themselves to optical observations.

2.2.1 Alfven Mode
We have established that the velocity fluctuations in an Alfvdn

wave are perpendicular to the magnetic field, and we have restricted our-
selves to Alfvdn waves propagating along the (radial) field. (We are
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of course ignoring active Sun features such as loops.) We would, there-
fore, expect to see horizontal motion manifested as either line-of-sight
Doppler shifts or as horizontal displacements of ambient features being
perturbed by passage of the wave. The amplitude of the horizontal dis-
placement is

dx = T dv/2ir

where dv is the amplitude of the associated velocity fluctuation and T
the period of the wave. Following Hollweg (1972a) we can find dv as
follows. The Poynting flux over one cycle of the wave is given by

S = Mc/4tt) dE dB

where dE and dB are the amplitudes of the wave-caused electric and mag-
netic field fluctuations and c is the velocity of light. Further

dE = BQ (dv/c)
in a perfectly conducting medium, and from Faraday's law,22 we have
dB = (kc/u))dE = (kBO/u))dv

where o/21r is the wave frequency and k is again the wave number. Com-
bining yields

dv = B -1 (8uSE)™

0 K

and since co/k is the Alfven speed,

dv = 2(S/B()i (ir/p)*
or alternatively,

dv2 = 8ttS Va/B2

which is easier for calculations. Now, finding the Poynting flux is a
complex affair, but Hollweg (1972b) has shown that in the WKB limit23

S = (Bq2/8t0 (A2/Va)
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where is at height z = 0, and A is the velocity amplitude of a dis-
turbance generating Alfvdn waves.

Vitense (1953) has modeled the hydrogen convection zone and gives
as root mean square turbulent velocities

Height (km) v 2>
-350 0.0
-400 0.5
-450 2.3
-525 2.1
-600 1.8
-700 1.5

Now, an rms velocity of about 2 km/sec corresponds to a velocity amplitude
of about 3 km/sec, and an rms velocity of 0.5 km/sec corresponds to a
velocity amplitude of about 0.6 km/sec. Using these values we can compute
S, dv, and dx as shown in table 9.

We see from this table that we have velocities ranging from 1.3 to
29.3 km/sec and horizontal excursions ranging from 0.2 to 1.5x103 km. We

will discuss how to observe these phenomena in section 2.3, but first we
will undertake similar arguments and calculations for the acoustic and
fast modes.

2.2.2 Fast Mode

Since we are considering only fast mode propagation along the field
in a regime where C > VA we have essentially a sound wave propagating
along a column of gas. According to acoustic theory (Ingard and
Kraushaar, 1966), the temperature differential caused by such a wave,

in the adiabatic case, is
at - (y - 1) £10

where AT is the temperature difference, y is the ratio of specific heats,

u is the velocity of the disturbance causing the wave (a piston in classi-
cal theory), C is the sound speed, and TQ is the initial temperature.

Taking y = 7/5 (the generally accepted value for a diatomic gas; y”™ = 1.41),
u = A(the convection zone turbulent velocity amplitude), and TQ = 6000°K

(a reasonable photospheric value), we find AT as shown in table 10.
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Table 10. Temperature Differential Due To Fast Mode Waves.

u(km/sec) C(km/sec) AT(°K)
0.6 6.5 240
3.0 6.5 1200

Now, from Boltzmann we know that the probability of finding an elec-
tron in an atomic energy state varies with the temperature as

exp(- x/KT)

where x is the excitation potential in electron volts and K is Boltzmann's
constant = 1.38 x 10"16 erg/°K. For H-alpha x = 1-88 eV, and so for
6000°K, 6000 + 240°K, and 6000 + 1200°K, (aT's from table 10), we have

the following "Boltzmann probabilities’ P:

T P
6000 0.0302
6240 0.0334
7200 0.0550

We might expect then to see an increase of brightness in H-alpha of be-
tween 10 and 90 percent due to the increased number of electrons making
downward transitions from their excited states. This result is consistent
with, although lower in magnitude than, the result obtained by Kahn (1961)

who attacked a similar problem using a somewhat different method.

2.2.3 Magneto-Acoustic Mode

The magneto-acoustic mode, being essentially a hybrid sound mode,
will behave similarly. Since the temperature variation AT goes as u, the
velocity of the exciting mechanism, and since we have postulated convec-
tion zone turbulence to be responsible for both the fast and acoustic
modes, we would expect that the acoustic mode may produce similar
brightenings.

Additionally, however, the acoustic mode will cause motion not only
of gas particles but also of magnetic field lines as the compressions
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and rarefactions propagate across the disk. If we have solar features
that outline the field structure, for example, the *‘feet” of prominences
(observed, e.g., on the limb in H-alpha) we should be able to see the edge
of this feature shift back and forth with time. The magnitude of this
displacement is easy to calculate. It will be

d< = Tf?

where dv is now the velocity of the initial disturbance and T is the
period. In this case, dv = u. Table 11 shows a computation of dx using
the same velocity amplitudes, 1.e., u = 0.6 and 3.0 km/sec. As the table
shows, the waves under consideration could be expected to produce dis-
placements of between 2 and 159 km.

Table 11. Horizontal Displacement Caused By Acoustic Mode Waves.

u(km) dx(km) dx(km) dx(km)
T=21 sec T=83 sec T=333 sec

0.6 2.00 7.93 31.81

3.0 10.08 39.64 159.07

2.3 Observation of MHD Waves

In section 2.2 we discussed the MHD wave equations and calculated
the magnitudes of some characteristics of the MHD waves which we would
expect to be generated by convection zone turbulence. In this section
we will briefly consider the observation of these waves.

2.3.1 Alfv i Mode

We saw in section 2.2 that Alfvdn waves will cause motion in the
field lines along which they propagate. As shown in figure 10, these
motions will be seen by an observer as either horizontal displacements
or as Doppler shifts. The amplitudes of the horizontal displacements
from table 9 range from 2.7xl10-4 to 2.0 arcsec, as shown in table 12.
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Figure 10. Alfven wave propagating along field line. Observer
at A will see a Doppler shifty whereas observer at
right angles to A (i.e., looking into paper) will
see horizontal displacement dx.

Table 12. Alfven Wave Horizontal Displacements.

Height Bo dx dx dx dx
g T=21 sec T=83 sec T=333 sec T=1 sec
(km) (gauss)  (grcsec) (arcsec) (arcsec) (arcsec)
0 2 2.9x10-2 1.2X10-! 4.7x10-3 1.4x10-3
0 50 5.9x10-3 2-3x10-2 9.5x10-2 2.7x10-4
500 ) 6.6x10-3 2-6x10-3 1.06 3.1x10-3
500 50 1.3x10-2 5-2x10-2 2.1x10-3 6.3x10-4
1000 ) 1.3X10-1 5-3x10-3 20 6.3x10-3
1000 50 2.6x10*2 1.0x10-3 49%10-1 1.3x10-3
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The velocity fluctuations dv will give rise to Doppler shifts. Doppler
shift is of course given by

44 = whence AX = ™
ANC C

where ¢ is the speed of light and A is the wavelength of the line being
observed. For H-alpha, for example, the Doppler shifts corresponding to
the velocity fluctuations listed in table 9 for Alfvdn waves are:

Height (km) ~ Ba Gauss aa(A)
0 2 1.42x10_L
0 50 2.84x10-2
500 2 3.17x10%]
500 50 6.34x10-2
1000 2 6.40x10"!
1000 50 1.26x10-1

These Doppler shifts are very small but are large enough to be ob-
served with existing instrumentation (Billings, 1963) providing adequate

resolution is available.

2.3.2 Fast Mode

Detecting the fast mode involves us in a more complex mathematical
problem. The brightness increases we have postulated are certainly enough
to detect, but the spatial extent of the brightenings is not clear, nor
is the temporal duration. These will be functions of the local thermal
relaxation time and the local radiative processes involved in forming the
line being studied, and line-of-sight complexities due to out-of-phase
brightenings may also be important. These problems will have to be studied
in detail before any conclusions regarding the detectability of fast mode
waves can be reached.

2.3.3 Magneto-Acoustic Mode
The acoustic mode offers more promise. The horizontal displacements
calculated in the preceding section are, in arcseconds:

39



u (km/sec) dx (T=21 sec) dx (T-83 sec) dx (T=333 sec)

0.6 2.7x10-3 1.IXIO-2 4.4x10-2
3.0 1.4x10-2 5.5x102 2.2x10 1

If a suitable boundary is available, as for example the prominence '‘feet"
suggested earlier, then a telescope with suitably high resolution should
be able to detect this motion.

We are now in a position to understand what "‘suitably high resolution™
means. From the calculations we can see that some tenths to hundredths
of an arcsecond are required. This resolution, however, was shown in the
first section to be unobtainable from ground-based observatories because
of the perturbing effects of the terrestrial atmosphere. The alternative,
then, is to utilize a large orbiting solar observatory. To meet these
resolution requirements we would need a reflecting telescope of between
I and 10 m aperture, depending on wavelength (see fig. 11). The total
length of such a package would be large, which would allow sufficient
room for accessories such as stigmatic spectrographs, spectroheliographs,
magnetographs, cameras, and filters. Such an instrument is feasible.
NASA has recently announced it is letting preliminary contracts for an
orbiting telescope with a 10-m mirror, to be capable of launch in 1980
aboard a space shuttle into a 483 x 402 mile orbit (Aviation Week, 1973).

3. SUMMARY

We have seen that the study of the Sun in all its aspects is an im-
portant endeavor, and have suggested how the aspect of MHD wave propaga-
tion is an important study in its own right. We have shown that the hy-
drogen convection zone is a region of great turbulence, and that this
turbulence extends to and is visible in the photosphere in the form of
granulation. In addition, we have shown, from basic continuity equations,
other work in the field, and hypotheses and calculations of our own that
the various modes of MHD waves generated by convective turbulence display
the following characteristics.

40



Aperture

diame ter
o< E
E o o E
u J@ 8 3. O " E
105 g LA LA O LA
arcsec
104 -"5000
JO arcs
102--50
3 arcmlin
30 arcm!

Figure 11. Resolution of a reflecting telescope as a function
of aperture diameter and wavelength. From National Academy
of Science (1966).

3.1 Fast Mode

Fast mode waves were shown to be strongly dependent on the strength
of the ambient magnetic field. For weak fields Vp = C and the material
motion is longitudinal: essentially a sound wave. For strong fields
Vp = and the material motion is perpendicular to the magnetic field.
Using the frequency spectrum for fast mode waves generated by convection
zone turbulence derived by Osterbrock, we found that the expected fre-
quency range was of the order 0.3x10""2 sec-1 to 4.8xl0-2 sec-1. This,
together with our condition that Vp = C (as justified in the text) and
Osterbrock's calculations of local sound speeds, leads to the conclu-
sion that the shortest fast mode "wavelength® produced by turbulence
would be some 132 km, or about 0.18 arcsec.

Now, in this weak field case, the fast mode approximates a sound
wave, and in the case of radial fields we have essentially the case of
sound wave propagating in a column of gas. Under these conditions we
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showed that there should be local brightenings due to local increases of
temperature. We did not, however, determine the temporal duration or
spatial extent of these brightenings. These are functions of the local
thermal relaxation time, local radiative processes involved in formation
of the emission line being studied, and line-of-sight complexities due
to out-of-phase brightenings; as such, they are of necessity left to a
later work.

3.2 Slow Mode

The characteristics of the slow mode, as of the fast mode, were
shown to depend on the relative field strength. For strong fields

= C and the material motion is in the direction of the field, but
for our weak field case = VA, and the material motion is perpendicular
to the direction of propagation. In addition, we saw from the hodographs
that the slow mode cannot propagate across the field.

Now, slow mode damping is strong in the lower solar atmosphere,
but in areas of enhanced field strength - perhaps 50 gauss - we might see
some slow mode waves of the same dimension as calculated for Alfvdn waves.
However, since most slow mode waves may be generated by collisions be-
tween fast mode wavefronts, a topic beyond the scope of this paper, the
slow mode was not pursued further.

3.3 Magneto-Acoustic Mode

The magneto-acoustic mode was shown to be a "hybrid" mode in which
material motion is in the direction of wave propagation and perpendicular
to the field. This mode was demonstrated to propagate essentially un-
damped, and assuming the Osterbrock frequency spectrum yielded a shortest
"wavelength™ of some 130 km at the base of the photosphere.

This mode was hypothesized, along with the fast mode, to cause bright-
ness fluctuations (since it is a hybrid sound wave), but in addition was
hypothesized to create fluctuations in field lines as compressions and
rarefactions propagate across the disk. These effects were calculated to
be between 2 and 159 km (2.7xI0-3 to 2.2xI10-1 arcsec) for the frequencies
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of interest. The "feet" of prominences, where fields of various strengths
are assumed to exist and which stand out well on the limb, were suggested
as opportune locations in which to search for these effects.

3.4 Alfv en Mode

The Alfvdn mode was shown to be purely transverse, with no change
(to first order) produced in local pressure or density and with a change
produced only in the direction but not in the magnitude of B. The
Alfvdn mode was also shown to be incapable of propagating perpendicular
to B.

The Osterbrock frequency spectrum was assumed to apply also to
Alfvdn waves produced by convective turbulence, and a corresponding
minimum "'wavelength™ of 21 km at the base of the photosphere was calcu-
lated. Calculations for moderate field strengths (about 2 gauss) showed
that all Alfvdn waves would be quickly damped, but similar calculations
for stronger fields (about 50 gauss) showed that in active regions or
other areas of enhanced magnetic flux an appreciable fraction of the
Alfvdnic energy flux would survive and be transmitted to the corona.

Calculations of the local velocity fluctuations (shown to be per-
pendicular to Bj produced by Alfvdn waves provided magnitudes of 1.3 to
29.3 km/sec for the frequency spectrum of interest, which correspond to
horizontal displacements of 0.2 to 1.5x103 km (2.7x10~4 to 2.0 arcsec)
and Doppler shifts of 6.4xI0 1 to 2.8xIO-2A. Again, the "feet" of
prominences may be prime areas in which to detect these effects.

3.5 Remarks

As can be seen from the calculations performed, the magnitudes of
the effects expected to be generated by MHD waves in the relevant fre-
quency spectrum are quite small. This immediately restricts our possible
observing methods since, as was shown in the introduction, atmospheric
limitations are of the order of 0.5 arcsec. It is clear then that orbit-
ing telescopes are needed. There are, however, several points that
were beyond the scope of this treatise which should be examined in detail
before a search for these wave modes is carried out.
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First, the brightness fluctuations postulated to be generated by
fast mode waves should be examined with attention paid to local thermal
relaxation times, line formation processes, and possible additional
brightness fluctuations caused by density fluctuations. Density-caused
brightness fluctuations could either be in phase or out of phase with
thermal brightness fluctuations, as could brightness fluctuations in
other volume elements in the line of sight, so that the net effect at
I AU could be to produce no overall fluctuations. In addition, it is not
clear how displacements in field lines and Doppler shifts due to Alfvdn
waves would be observed in the lower solar atmosphere; limb studies are
clearly in order and the areas over active regions and prominence "‘feet™
would seem to be the most likely target areas, but further study of
field orientation and mass distribution is needed. Also, a more accurate
determination of Poynting flux would lead to a better approximation of
expected displacements and Doppler shifts.

One additional interesting piece of information is apparent from
this report. We have seen that outward energy flux increases in some
wave modes with increasing field strength. Chapman (1974) indicates
that the chromospheric network may contain small bundles of high field
strength, and Withbroe (1974) has indicated that the chromospheric net-
work is visible in all lines up to just above Ix!06°. Thus 1t seems
plausible that energy in the form of MHD waves may be channeled upward
through the network, and network areas may therefore be excellent areas
in which to search for these waves.

Sunspot umbrae may also be excellent locations to study these waves.
Giovanelli has recently found waves with 180-sec periods appearing in
umbrae and moving outward through penumbrae (Giovanelli, in press). This
period falls exactly within our postulated frequency spectrum, and the
strong fields in sunspots would of course lead to a strong wave-channeling
effect.

In any event, further studies of turbulence-generated MHD waves will
certainly be valuable. One type of benefit might be increased under-
standing of solar processes. For example, if sufficient subphotospheric
energy in the form of MHD waves is channeled in flux tubes to the corona,
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existing coronal instabilities could be triggered. We could perhaps
imagine that energy flux coming up both legs of a loop-shaped magnetic
structure seated high over an active region might meet at the top, thus
triggering an instability which could itself be the primary flare-trigger-
ing mechanism (fig. 12). A more complete understanding of MHD wave
propagation in the lower solar atmosphere might therefore help unlock
such basic solar secrets as the primary flare mechanism.

I nstability

Flux tube

Flare

Active region

Figure 12. Possible flare triggering mechanism.
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5. FOOTNOTES

Solar activity runs in cycles roughly 11 years in length. Overall, however, the change in luminosity
due to activity is very small, and is much too small to be observed as fluctuations in intensity of a
distant star. Activity can only be studied on a star which is close enough not to appear as a point
source.

The Hertzsprung-Russell diagram (see fig. 13) is a classic presentation of observational data. When
stellar temperature is plotted versus luminosity, the observed stars fall into evolutionary tracks, or
sequences. Our Sun is presently in what is called the main sequence, and as such is spectroscopically a

quite ordinary star.

For example, Dr. Percy Carr at lowa State University is assembling statistical and experimental evidence
that solar induced geomagnetic storms cause some breeds of homing pigeons to become so lost that they
are unable to return to their lofts. The Division of Biological Sciences, Cornell University, is doing

similar work.

An unusually energetic series of solar flares in August 1972 created a space radiation hazard so severe
that, had an astronaut been exposed to the entire storm, severe incapacitation or death could have

resulted (McKinnon, 1972).

In 1868 while observing an eclipse in India, the French astronomer J. Janssen discovered a helium line
in the chromospheric spectrum. Helium was not discovered on Earth until Sir William Ramsey found

it in 1894.

Bengt Edlen won gold medals from several leading scientific institutions for his work in 1944 on coronal
emission lines.

Resonance lines arise from atomic transitions that connect the ground state of an atom with the first
excited state. These are the last lines visible as a discharge producing the spectrum of the atom

fades away.

The transition region is the narrow layer between the chromosphere and corona. The temperature minimum
in the solar atmosphere occurs at the base of the transition region.

Rotational energy of a molecule can be expressed in terms of its principal moments of inertia la, 1"

1 and angular moments P . P., P. (where a, b, and ¢ represent the principal axes of the

C . . d c
momental ellipsoid):

The rotational motions are quantized and the total angular momentum P can only take the values

p- {iG+n>H . (@)
J=0 or integer. Also, the component of P in a fixed direction in space is quantized according to
Pz = MHAi

where M can take the 2J+1 values M = J, J-l---—----- -J. For a linear molecule, i =0 and Ib* Ic 5 I»
and

whence, from eq. (a), we obtain the characteristic energies

Ej = ) * hBO(J+1) where B = 11/(21)
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Figure 13. Hertzsprung - Russell diagram, showing
the relationship of the Sun to other stars.
After Brandt (1966).
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The molecule can absorb radiation with J increasing by integral steps. The selection rule for absorp-
tion is J»>- J+l, giving rise to absorption frequencies

n = 2B(J+1)

The rotational spectra, or rotational bands, of a molecule then consist of equally spaced lines, the
lowest frequency being 2B.

10 A McLaurin series is a Taylor's series of the form

(((_.)ll
n=0
for the case a = 0.

HTheorem of the mean i
Given a continuous function f, and f'(x) exists and a < x < b, then there is a c such that

. Fwwb-/(m)
where a < ¢c < b

‘AConsider a bubble of material in the Sun. If this bubble is moved upward a distance dr, the change in
temperature of the bubble is dr|dT/dr|a(j, where |dT/drja<) is the adiabatic temperature gradient.

(We assume the bubble does not exchange heat with its surroundings.) The surrounding material has a
temperature difference of dr|dT/dr|str, where |dT/dr|str is the structural gradient in the Sun. If
|dT /dr]| > |dT/dr|ad, which is the Schwarzschild instability criterion, the bubble will cool less
than thfsurrounding”aterial, and, since it is in pressure equilibrium, must be less dense. The
buoyancy force therefore pushes the bubble upward and an instability results.

i3The effective temperature of a star is the temperature of a black body of equal radius that produces
the same total luminosity.

i dP = pGM(r)
dr " r2

where r = radial distance, P = pressure, p = density, G = constant of gravitation, M(r) = mass contained
within a spherical shell or radius r.

15Scale height is defined by
0‘ = exp(-x/H)
where N = density at x, x = height in atmosphere, NQ = density at x = 0, H = scale height.

16Called Fraunhofer lines.
17The line emitted by hydrogen as the electron drops from the third to the second principal orbit.

18A sunspot group and its associated plage.
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19 Assume a hydrogen ion with positive charge e located at r = 0, with U(r) the electric potential. Then
the density of positive charge will be a Boltzmann distribution

p+ = ne etexpf™-))-1

and for negative charge

p_ = nge exp(ll-) -
Using Poisson’s equation in its general form a2e « f(X,y,z) gives (Margenau and Murphy, 1956)

a2u * dirnee (exp”™)- exp(™-)}

This a nonlinear differential equation which must be integrated numerically or else fudged (Reitz and
Milford, 1967). An approximate solution -- and one that is rigorous at high temperatures -- can

be used by assuming Ue/KT >» 1. (If T ~ 106°K then Ue/KT < 2 x 10°9/r, which is « 1 for all r
greater than atomic radii, so we're safe.) Then each exponential can be represented by the first two
terms of a McLaurin expansion. Solving gives

U= (rdexp{ - (O} (Debye Potential)
where r u

D. (Sirn'ez

e
D is called the Debye length and is the distance from an ion at which the electric field is signifi-
cantly less than the inverse square electric field because of the shielding of neighboring ions. D is
therefore the maximum distance from an ion at which the electric field of the ion is significant and
is of the order of, at most, a few millimeters in the corona (Billings, 1966).

20The current due to an electric field E can be written
E=j+IrA*1
e

where a - conductivity and v = number of collisions/sec undergone by electrons with charge e and
mass me. Therefore,

ot « m= 12
But £ ' 1 is the rate at which the electric forces work during the flow of current. Therefore, j2/a
is called Ohmic dissipation, or Joule heating.

Stokes theorem: the line integral of a vector around a closed curve is equal to the integral of the
normal component of its curl  over any surface bounded by the curve

oF o dl = /ecurl F ¢ n da

22 Curl £ - - in differential form

23For the WKB limit to hold, the scale height for the Alfvén speed must be greater than the wavelength.
Using the AlfvSn speeds listed in table 2 for a 2 gauss field at a height of 1500 km, the wavelength
of a disturbance with frequency 10-2 sec”! would be 260 km, about equal to the scale height for the
Alfven speed. So, for the frequencies in question we can use the WKB approximation in the lower

solar atmosphere.
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